We performed a detailed analysis of elemental abundances, dust features, and polycyclic aromatic hydrocarbons (PAHs) in the C-rich planetary nebula (PN) Wray16-423 in the Sagittarius dwarf spheroidal galaxy, based on a unique dataset taken from the Subaru/HDS, MPG/ESO FEROS, HST/WFPC2, and Spitzer/IRS. We performed the first measurements of Kr, Fe, and recombination O abundance in this PN. The extremely small [Fe/H] implies that most Fe atoms are in the solid phase, considering into account the abundance of [Ar/H]. The Spitzer/IRS spectrum displays broad 16-24 µm and 30 µm features, as well as PAH bands at 6-9 µm and 10-14 µm. The unidentified broad 16-24 µm feature may not be related to iron sulfide (FeS), amorphous silicate, or PAHs. Using the spectral energy distribution model, we derived the luminosity and effective temperature of the central star, and the gas and dust masses. The observed elemental abundances and derived gas mass are in good agreement with asymptotic giant branch nucleosynthesis models for an initial mass of 1.90 M ⊙ and a metallicity of Z=0.004. We infer that respectively about 80 %, 50 %, and 90 % of the Mg, S, and Fe atoms are in the solid phase. We also assessed the maximum possible magnesium sulfide (MgS) and iron-rich sulfide (Fe50S) masses and tested whether these species can produce the band flux of the observed 30 µm feature. Depending on what fraction of the sulfur is in sulfide molecules such as CS, we conclude that MgS and Fe50S could be possible carriers of the 30 µm feature in this PN.
INTRODUCTION
Planetary nebulae (PNe) represent the final stage in the evolution of initially ∼1-8 M ⊙ stars. During their evolution, these mass stars eject a large amount of their mass into circumstellar shells via strong stellar winds. Eventually, the ejecta blend with interstellar media (ISM). The evolution history of the progenitors is imprinted in the central stars of PNe (CSPNe), in the atomic gas, dust, and molecule-rich circumstellar shells. Using the emission lines of gas and thermal radiation from dust grains, one can simultaneously obtain abundances of elements and dust, as well as the ejected gas/dust masses from the PN progenitors. An investigation of these materials provides insight into stellar evolution and the ISM material-recycling mechanism of host galaxies. Thus, PNe tershell during the thermal-pulse asymptotic giant branch (AGB) phase. The extent of the 13 C pocket is an important parameter in AGB nucleosynthesis models; however, it remains unconstrained. An assessment of n-capture and neon abundances, and the progenitor mass derived from Sgr dSph PNe could be used to test the 13 C pocket mass adopted in AGB models.
The C/O ratio is an important parameter with regard to CSPN and nebula characterisation and initial mass constraints. The C and O abundances using recombination lines (RLs) are sometimes larger than those using collisionally excited lines (CELs; e.g., see Liu 2006 , for details). Moreover, the discrepancy factor between the RL and CEL abundances is generally different for O and for C (e.g., see Wang & Liu 2007) . As a consequence, the C/O ratio determined from dividing the RL C abundance by the CEL O abundance might not be indicative of the actual C/O ratio. Therefore, we should at the very least determine the C/O ratios using the same type of emission lines. According to Delgado-Inglada & Rodríguez (2014) , the uncertainty of the RL C/O ratio (±0.06 dex) is considerably smaller than that of the CEL C/O ratio (±0.2 dex). An important factor of the CEL C/O uncertainty is the normalization between UV and optical fluxes since CEL C abundances are determined using the UV [C iii λλ1906/09 Å lines whereas we measure the CEL O abundances using the optical [O iii] λλ4959/5007 Å and [O ii] λλ3726/29 Å. By using C and O RLs in the optical, we do not have to worry about this difficult flux normalization and one can simultaneously determine C and O abundances and then the C/O ratio, as performed in Sgr dSph PNe BoBn1 (Otsuka et al. 2010) and Hen2-436 (Otsuka et al. 2011) .
The Hubble Space Telescope (HST) can resolve the central stars of Sgr dSph PNe, as reported in Zijlstra et al. (2006a) . Therefore, the luminosities of the CSPNe can be measured directly, without the need for empirical methods. The mass of the progenitor star can be estimated by plotting the measured luminosity and temperature of the CSPN on theoretical post-AGB evolution tracks. Thus, using this approach, the observed elemental abundances and gas mass can be compared to predicted values from AGB nucleosynthesis models.
Previously, we carried out multiwavelength observational studies of the Sgr dSph PNe BoBn1 (Otsuka et al. 2010 ) and Hen2-436 (Otsuka et al. 2011) . While all Sgr dSph PNe are metal-poor (Walsh et al. 1997; Dudziak et al. 2000; Zijlstra et al. 2006a) , BoBn1 is extremely metal-poor when comparing to Hen2-436 or Wray16-243 (Otsuka et al. 2015; Zijlstra et al. 2006a; Kniazev et al. 2008) . Our study on chemical abundances and dust in these Sgr dSph PNe has provided us with much information on PNe and their progenitor's evolution. Otsuka et al. (2010) measured the rare n-capture elements Xe and Ba abundances for first time in extragalactic PNe. Based on the abundance pattern of BoBn1, they proposed that the progenitor might be a binary. Otsuka et al. (2011) measured the n-capture Kr abundance for the first time in Hen2-436 and found that the abundance pattern is very similar to that of Wray16-423. Both studies furthermore also derived dust masses and discussed the dust production in metal-poor environments. In this paper, we focus on the Sgr dSph PN Wray 16-423.
Wray16-423 was discovered near the core of the Sgr dSph by Zijlstra & Walsh (1996) , based on direction and radial velocities. Ibata et al. (1995) reported an average heliocentric radial velocity for the Sgr dSph of 140±2 km s −1 , with an intrinsic velocity dispersion of 11.4±0.7 km s −1 (Ibata et al. 1997 ). The radial velocity of Wray16-423 was determined to be +133.1±2 km s −1 by Zijlstra & Walsh (1996) . The elemental abundances of the nebula and the luminosity and effective temperature of the CSPN were calculated by Walsh et al. (1997) ; these values were refined by the photoionisation models of Dudziak et al. (2000) , Gesicki & Zijlstra (2003) , and Zijlstra et al. (2006a, see Table 4 and Section 3.4 for a comparison of these values). Dudziak et al. (2000) calculated the respective C and O abundances from the C RLs and the O CELs. The C/O ratio using the same type of emission lines is still unknown. Dudziak et al. (2000) expected an [Fe/H] abundance of ∼-0.5, although they did not report the detection of Fe lines. Zijlstra et al. (2006a) determined the magnitude of the CSPN to be m V =18.85±0.20, based on HST/F547M measurements. However, this estimate seems to be too bright. Indeed, assuming a spectral energy distribution defined by an m V =18.85 CSPN and adopting an effective temperature of 107 000 K (Zijlstra et al. 2006a) , the luminosity L * should be ∼12 600 L ⊙ . However, this does not match their estimated value of L * =4350 L ⊙ obtained using a photoionisation model. This discrepancy and a revision of the CSPN magnitude is discussed in Section 2.4. Stanghellini et al. (2012) reported that the Spitzer midinfrared spectrum of Wray16-423 displays carbonous dust features. As we report later, the broad 30 µm feature is seen in this PN. The broad 30 λm feature has been found in many C-rich objects. However, the carrier of the broad 30 µm feature is unidentified; Hony et al. (2002a) proposed that the feature originates from magnesium sulfide (MgS) whose shapes can be described by a continuous distribution of ellipsoids (CDE). Since then, CDE MgS grains have been the major candidate for the 30 µm feature (e.g., Zijlstra et al. 2006b; Sloan et al. 2014) . However, the recent study of Zhang et al. (2009) casts doubt on this identification for the 30 µm feature. They demonstrated that the MgS mass formed from the available S atoms, could not account for the observed strength of the 30 µm feature in the Galactic proto-PN HD56126, even if all the dust grains existed as MgS. CDE iron-rich sulphide, such as Mg 0.5 Fe 0.5 S (Fe50S), also show a broad feature around 30 µm, similar to the CDE MgS feature (Messenger et al. 2013) . Using the data of Wray16-423, we can test whether the strength of the 30 µm feature can be explained by thermal emission from the available MgS or Fe50S grains. Since the distance to Wray16-423 is well determined, one can directly determine the luminosity of the CSPN as the gas and dust heating source and set the size of the dusty nebula. Therefore, the solid phase Mg, S, and Fe masses and the MgS and Fe50S grain masses would be more credible by using the accurately measured Mg, S and Fe abundances.
For the above reasons, we performed a detailed spectroscopic analysis of Wray16-423 based on multiwavelength data taken from Subaru/HDS, MPG ESO/FEROS, Spitzer/IRS, and HST/WFPC2: (1) to determine and refine nebular elemental abundances, in particular, the C and O recombination abundances and Fe and slow n-capture process (s-process) elements; (2) to investigate dust features and PAH bands and compare these among LMC PNe; (3) to derive the physical conditions of the CSPN, gas, and dust by constructing the spectral energy distribution (SED) model using the radiative transfer code Cloudy (Ferland et al. 1998) ; (4) to estimate the progenitor mass by comparing the observed elemental abundances and estimated gas mass with AGB model predictions; and (5) test how much masses of the MgS and Fe50S grains are necessary to reproduce the broad 30 µm feature. Optical high-dispersion spectra were taken using the HighDispersion Spectrograph (HDS; Noguchi et al. 2002) attached to the Nasmyth focus of the 8.2-m Subaru Telescope on 2012 July 4 (Prop.ID: S12A-126S, PI: M. Otsuka) and 2014 July 9 (Prop.ID: S14A-174, the same PI). HDS observations are summarised in Table 1 . The weather conditions during the exposure for both runs were stable, and the visibility was ∼0.5 ′′ (2012) and ∼0.8 ′′ (2014), measured using a guider CCD. An atmospheric dispersion corrector (ADC) was used to minimise the differential atmospheric dispersion through the broad wavelength region. The slit width and length were set to 1.2 ′′ and 6 ′′ , respectively, and the 2×2 on-chip binning mode was selected. The resolving power (λ/∆λ) reached 33 500, which was measured from the average full width at half maximum (FWHM) of over 600 narrow Th-Ar comparison lines obtained for wavelength calibrations. For the flux calibration, blaze function correction, and airmass correction, we observed the standard star HD184597.
We reduced the data with the echelle spectra reduction package ECHELLE and the two-dimensional spectra reduction package TWODSPEC in IRAF 1 . To keep a good signal-to-noise (S/N) over the observed wavelength range, we extracted a region of 15 pixels along the slit (corresponding to 4.14 ′′ ) and summed all fluxes. For the flux calibration, we reduced the ESO archival spectra (∼0.3-2.5 µm) of HD184597, taken using XSHOOTER (Vernet et al. 2011, Prop.ID: 60.A-9022C) . We corrected the reduced 0.3-2.5 µm spectrum of HD184597 to match the B-and V-band magnitudes reported in Høg et al. (2000, B=6.81 and V=6.88) , and then we constructed a wavelength versus AB-magnitude table in small wavelength increments (0.4 Å, for this study) for performing flux calibration of the Wray16-423 spectra.
The resulting S/N ratio in the sky-subtracted object frame of Wray16-423 is >5 for the continuum and >8 at the intensity peaks of the emission lines.
The resultant HDS spectrum is presented in Figures A1 and A2 of Appendix A.
MPG ESO 2.2-m Telescope FEROS spectroscopy
Optical high-dispersion spectra (3500-9200 Å) were obtained using the Fiber-fed Extended Range Optical Spectrograph (FEROS; Kaufer et al. 1999) were cross-checked for both HDS and FEROS spectra. The FEROS observation is summarised in Table 1 .
The weather conditions were stable and clear throughout the night, and the visibility was ∼1.1 ′′ measured from the guider CCD. FEROS's fibers use 2.0 ′′ apertures, to provide simultaneous spectra of the object and sky frames. The ADC was used during the observation. We selected a 2×2 on-chip binning mode and low gain mode 2 . The resolving power reached ∼37 200 measured from the average FWHM of over 100 Th-Ar comparison lines. We also took 5×3600 sec dark frames to correct for the zero intensity of longer exposure-time frames. For the same reason as described in the HDS spectroscopy, we summed over the ±3 pixels centered on the fibre position. We confirmed that the extracted spectra detected ∼65 % of the light falling into the 2 ′′ aperture by comparing to the spectra made by summing up the full aperture. For flux calibration, we observed the standard star HR7950, before and after the Wray16-423 exposure. We referred to the HR7950 spectrum of Valdes et al. (2004) for constructing a wavelength versus AB-magnitude (0.4 Å step).
We reduced the data using the same method as that adopted for the HDS data. The resulting S/N ratio in the sky-subtracted object frame is >2 on the continuum and >5 at the intensity peaks of the emission lines.
Spitzer/IRS spectroscopy
We analysed the archival mid-infrared spectra taken by the Spitzer/Infrared Spectrograph (IRS; Houck et al. 2004 ) with the SL (5.2-14.5 µm, the slit dimension: 3.6 ′′ ×57 ′′ ) and the LL modules (13.9-39.9 µm, 10.6 ′′ ×168 ′′ ). The data were originally taken by L. Stanghellini (AOR Key: 25833216) on 2008 June 9. We processed them using the reduction package SMART v.8.2.9 (Higdon et al. 2004 ) and IRSCLEAN v.2.1.1 provided by the Spitzer Science Center. We performed additional correction of the IRS spectrum by scaling it up to match the flux density at the band W4 (λ c =22.09 µm, ∆λ=4.10 µm) of the Wide-field Infrared Survey Explorer (WISE; Wright et al. 2010) , using a constant factor of 1.069.
The resulting spectrum is presented in Figure 1 . The spectrum clearly shows the 6-9 µm and 11.3 µm PAHs, the broad 11 µm, 16-24 µm, and 30 µm bands.
HST/WFPC2 photometry and the Hα/Hβ fluxes
We reduced the HST/Wide Field Planetary Camera 2 (WFPC2) F656N (Hα, λ c =6563.76 Å, ∆λ=53.77 Å) and F547M images (V-band, λ c =5483.86 Å, ∆λ=205.52 Å) using the MultiDrizzle (Koekemoer et al. 2003) on PYRAF. The data were taken on 2002 July 25 (Prop.ID: 9356, PI: A. Zijlstra). We set the plate scales to a constant 0.025 ′′ pixel −1 . The resultant F656N image is displayed in Figure 2 . The Wray16-423 image shows an inner cylindrical structure, surrounded by an elliptical nebula shell that extends radially to ∼1.3 ′′ , as indicated by the green dashed circle. In the F656N and F547M images, we measured the count rates (cts) within the aperture radius of 1.3 ′′ , corresponding to the sum of the CSPN's and nebula's cts. We measured average (background) cts in an annulus with inner radius 2.1 ′′ and outer radius 2.4 ′′ , centered on the CSPN. Finally, we converted the cts into flux density, using the WFPC2 photometric zero-points in erg s −1 cm −2 Å −1 cts −1 . The results are summarised in Table 2 .
To measure the pure Hα flux using the F656N flux density, one must remove the contribution from both the local continuum and the [N ii] λ 6548 Å. We used the FEROS spectrum to estimate these contributions. Taking into account the F656N filter transmission The wavelength is converted into radial velocity with respect to the systemic radial velocity of +133.12 km s −1 . The flux density is normalised to the flux density at the peak. characteristics, we compared the F λ (HST,F656N) with the counterpart FEROS spectrum, i.e., F λ (FEROS,F656N). Finally, we determined the scaling factor F λ (HST,F656N)/F λ (FEROS,F656N) = 2.383 3 .
Using this scaled FEROS spectrum, we measured a pure F(Hα) of (4.70±0.03)×10 −12 erg s −1 cm −2 and a pure F(Hβ) of (1.53±0.02)×10 −12 erg s −1 cm −2 . We used the measured pure F(Hβ) to normalise the flux in the flux density scaled Spitzer/IRS spectrum, as explained in the previous section.
Next, we measured the V-band flux density of the CSPN in the F547M image. In the flux density measurements of the CSPN, we need to select the background area more carefully because the CSPN is embedded in a bright nebula and therefore the CSPN magnitude largely depends on the background region adopted. The background cts adopted in the flux density measurement of the whole nebula are not suitable for the flux density measurements of the CSPN. For this reason, we measured cts in four positions near (∼0.2-0.3 ′′ away) the CSPN and used the average cts as the sky background. The measured flux density of the CSPN in the F547M band corresponds to the V-band magnitude m V of 19.98±0.20, which is about 1 magnitude fainter than Zijlstra et al. (2006a, m V =18.85±0.20) . The difference would be attributed to the adopted background region; the m V is 18.73±0.10 when as the background we use the average cts measured in the area of the annulus centered on the PN with inner and outer radii of 2.1 ′′ and 2.4 ′′ , respectively.
RESULTS

Reddening correction, line-flux measurements, and radial velocity
The measured line fluxes in the obtained spectra were de-reddened using the following formula:
where I(λ) is the de-reddened line-flux, F(λ) is the observed lineflux, f (λ) is the interstellar extinction function at λ computed by the reddening law of Cardelli et al. (1989) with R V =3.1, and c(Hβ) is the reddening coefficient at Hβ. For the Spitzer/IRS spectrum, we adopted the reddening law of Fluks et al. (1994) . We measured c(Hβ) by comparing the observed Balmer line ratios of Hγ and Hα to Hβ with the theoretical ratios of Storey & Hummer (1995) We fitted the emission lines in the HDS and FEROS spectra using multiple Gaussian components. Figure 3 shows We list the observed wavelengths and de-reddened relative fluxes of each Gaussian component, indicated by the identification (ID) number in Table A1 of Appendix A, with respect to the dereddened Hβ flux I(Hβ) of 100. For lines composed of multiple components, we list the de-reddened relative fluxes of each component, as well as the sum of these components (indicated by 'T'). In the ions showing multiple intensity peaks such as [O ii] λ3726 Å, one could derive electron temperatures and densities in each Gaussian component. In our data, it would be difficult to accurately derive their ionic abundances relative to the H + in each component because each velocity component of the detected lines are different. Since our aim is to investigate average ionic and elemental abundances in the nebula, we used the integrated fluxes of each Gaussian component. We list the results of the flux measurements for the Spitzer/IRS spectrum in Table A2 of Appendix A, where we adopted the c(Hβ) of 0.110±0.022, which is the same value applied for the FEROS spectrum.
Plasma diagnostics
In the following line-diagnostics and subsequent ionic element calculations, the adopted transition probabilities, effective collision strengths, and recombination coefficients are the same as those listed in Tables 7 and 11 of Otsuka et al. (2010) .
We calculated the electron densities n ǫ and temperatures T ǫ using the diagnostic line ratios of RLs and CELs. The results are summarised in Table 3 ; the second, third, and last columns give the diagnostic lines, their line ratios, and the resulting n ǫ and T ǫ , respectively. The numbers in the first column indicate the ID number of each curve in the n ǫ -T ǫ diagram, presented in Figure 4 . The thick lines indicate the diagnostic lines for T ǫ , whereas the dashed lines correspond to n ǫ diagnostics. Below, we explain in detail the n ǫ and T ǫ calculations using RLs and CELs.
RL diagnostics
The intensity ratio of a high-order Paschen line Pn (where n is the principal quantum number of the upper level) to a lower-order Paschen line is sensitive to the n ǫ , as demonstrated in Fang & Liu (2011) . The Paschen decrement can be an n ǫ indicator for highdensity regions. As such, we ran small grid models to estimate n ǫ .
We calculated the electron temperatures derived from He i lines T ǫ (He i) using the two He i line ratios and the emissivities of these He i lines from Benjamin et al. (1999) for the case of n ǫ =10 4 cm −3 . For He +,2+ abundance calculations, we adopted the T ǫ (He i)=12 650±1320 K, which is the average between the values derived from He i I(λ 7281 Å)/I(λ 5876 Å) and He i I(λ 7281 Å)/I(λ 6678 Å).
We calculated the electron temperature derived from the Paschen jump discontinuity T ǫ (PJ) by applying Equation (7) of Fang & Liu (2011) : (Storey & Hummer 1995) . We adopted the T ǫ (PJ) for the RL C 2+,3+,4+ and O 2+ abundance calculations.
CEL diagnostics
We derived the CEL T ǫ and n ǫ by solving for level populations using a multi-level atomic model (≥5), resulting in eight calculated Walsh et al. (1997) reported a single T ǫ of 12 400±400 K and n ǫ of 6000±1500 cm −3 . In the present study, we first calculated all n ǫ (CEL)s under their derived value T ǫ =12 400 K, except for n ǫ ([N i]) , where we assumed a T ǫ of 10 000 K because the effective collisional strengths of the Mg 0 is available at T ǫ =10 000 K (See Section 3.3.1 for details). The T ǫ =10 000 K would be a good choice for estimates of neutral atoms such as N 0 and O 0 even in high-excitation PNe such as BoBn1 (Otsuka et al. 2010 
Ionic abundances
CEL ionic abundances
We obtained 21 ionic abundances using CELs, as listed in Table B1 of Appendix B. We carefully determined the adopted T ǫ and n ǫ pairs for the calculations of each ion using the n ǫ -T ǫ diagram. The adopted T ǫ and n ǫ values for each ion are listed in the fourth and fifth columns of Table B1 , respectively. For the Mg 0 abundance calculation, we adopted the effective collision strengths installed in the three-dimensional Monte Carlo photoionisation code Moccasin (Ercolano et al. 2003 ) and the transition probabilities of Mendoza (1983) . Because the effective collision strengths of Mg 0 are only available at the case of T ǫ =10 4 K, we adopted this temperature. T ǫ =10 4 K and n ǫ ([N i]) were used for the N 0 and Mg 0 calculations. The ionic abundances were calculated by solving the statistical equilibrium equations for more than five levels, given the adopted T ǫ and n ǫ , except for Ne + , where we calculated its abundance using the two-energy level model. The last column contains the resulting ionic abundances relative to the H + , X m+ /H + , and their 1-σ errors, which include errors from line intensities, T ǫ , and n ǫ , but does not consider the accuracy of the atomic data. In the O + and O 2+ abundance calculations, we corrected the line intensities of the [O ii] λλ 7320/30 Å and [O iii] λ 4363 Å, respectively. In the last line of each ion's line series, the adopted ionic abundance and its error are indicated in boldface. These values are estimated from the weighted mean of the line intensity.
As presented in Table B1 , the calculated abundances of each ion using different transition lines (i.e., fine-structure, nebular, auroral, and trans-auroral lines) are well consistent (within the error), indicating proper selection of the adopted T ǫ and n ǫ pairs for each ion and accurate measurement of the flux.
We report the first detection of the [Kr iv] λ 5867.74 Å and [Kr iii] λ 6826.85 Å in Wray16-423. The line profiles are presented in Figure 5 . The sky emission lines between ∼6820 and 6830 Å were subtracted as much as possible. Because there are no candidate lines within 0.18-0.20 Å from the measured central wavelengths of the above lines (5867.74 Å and 6827.02 Å at rest), we concluded that the lines corresponded to krypton. Krypton lines have been observed in the Sgr dSph PNe, specifically, BoBn1 (Otsuka et al. 2010 ) and Hen2-436 (Otsuka et al. 2011) . The Kr
abundance in Wray16-423 is comparable to that in Hen2-436, which shows the same metallicity.
RL ionic abundances
We list the RL ionic abundances in Table B2 of Appendix B. To the best of our knowledge, RL C 3+,4+ and O 2+ for Wray16-423 are reported for the first time. Because we detected C ii,iii,iv and O ii lines, we were able to calculate the elemental C/O ratio using the same type of emission lines.
In the abundance calculations, we adopted the Case B assumption for the lines from levels that have the same spin as the ground state, but the Case A assumption for lines of other multiplicities. In the last line of each ion's line series, we present the adopted final ionic abundance and its 1-σ error estimated from the line intensityweighted mean, indicated by boldface. Because the RLs are n ǫ -insensitive under 10 8 cm −3 , we evaluated the recombination coefficients (provided as a polynomial function of T ǫ ) at a constant n ǫ =10 4 cm −3 for all lines. In the He + abundance calculations, using He i λ 4471 Å and He i λ 5876 Å lines, we assumed Case A conditions and adopted the recombination coefficients of Pequignot et al. (1991) . We subtracted the contribution to these lines by collisional excitation from the He 0 2s 3 S level, using the formulae given by Kingdon & Ferland (1995) .
We detected the different multiplet O ii lines. Because the electron density in the O 2+ emitting region is 10 4 cm −3 from our plasma diagnostics, the upper levels of the transitions in the V1 O ii line would be in local thermal equilibrium (LTE). Therefore, we did not correct the V1 O ii line intensities. To calculate the O The RL O 2+ abundance is larger by a factor of 1.64±0.43 larger than the O 2+ CEL. According to Liu (2006) abundance could be increased by ∼0.2 dex or less if we include temperature fluctuations, which is originally proposed by Peimbert (1967) . Since the O 2+ discrepancy factor is already low, we do not discuss further in the paper.
Elemental abundances
The elemental abundances of the nebula are listed in Table 4 . The types of emission lines used for the abundance estimations are specified in the second column. The fifth column lists the number densities relative to the solar value, where [X/H] corresponds to log 10 (X/H)-log 10 (X/H) ⊙ .
To estimate elemental abundances using only the observed ionic abundances, we introduced an ionisation correction factor, ICF(X), based on the ionisation potential. The adopted ICF(X) for each element is listed in Table B3 of Appendix B, and the value is listed in the seventh column of Table 4 . We calculated the adopted ICF(Kr) using Equation (5) of Sterling et al. (2007) , based on photoionisation models.
In the eighth column of Table 4 , we list the elemental abundances of Wray16-423 compiled by Zijlstra et al. (2006a) , originally calculated using the photoionisation model of Dudziak et al. (2000) based on the analysis of optical spectra by Walsh et al. (1997) . The ninth column is the result of Walsh et al. (1997) . In general, our calculated abundances, except for S and K, are in excellent agreement with prior results. Walsh et al. (1997) 
, their C abundance would be 5.99(-4)±2.17(-4), which corresponds to 8.78±0.16 dex. The differences of the S and K abundances between Zijlstra et al. (2006a) and ours might be caused by adoption of different T ǫ for these ionic abundances and overestimate of the S 3+ abundance. The [S iv] lines are not seen in optical but in mid-infrared wavelength. Their photoionisation without dust grains would affect the nebula's density and temperature structure and the fraction of each element's ion.
The RL C/O ratio of 2.46±0.80 indicates that Wray16-423 is presumably a C-rich PN. Elemental RL and CEL O abundances seem to follow the trend; as shown in Liu (2006) , Wang & Liu (2007) , and Delgado-Inglada & Rodríguez (2014) , the RL C/O ratio seems to be consistent with the CEL C/O ratio within errors (.i.e., the RL C/O ≃ the CEL C/O), except for several objects. If this is also the case for Wray16-423, the CEL C abundance would be 8.70±0.14, where the upper value is consistent with the lower value of the RL C abundance.
The noble gas Ar is not easily tied up in dust grains, and is also not synthesised in low-intermediate mass stars. Therefore, Ar can be used as a metallicity indicator of the progenitor star. The [Ar/H] abundance is consistent with that in Hen2-436 (-0.60±0.33, Otsuka et al. 2011) . Like for Hen2-436, [Fe/H] is significantly lower than [Ar/H] . Because [Fe iii] intensities are comparable to BoBn1 (Otsuka et al. 2011) and their Fe 2+ abundances in Wray16-423 and BoBn1 are consistent, the small Fe abundance in Wray16-423 cannot be attributed to inaccuracies in Fe 2+ atomic data or the selection of T ǫ for their ionic abundances. Thus, a large fraction of Fe atoms would exist as dust grains.
An important contribution of our work is the detection of the light s-process element Kr and calculation of its abundance. This required verification of whether or not the Kr abundance value for Wray16-423 is reasonable. Sterling & Dinerstein (2008) examined the relationship between the [Kr/O] and C/O ratio, based on their K s-band spectroscopic survey for Galactic PNe, from which the following relationship was obtained: 
As described above, the calculated Fe abundance in Wray16-423 may not accurately reflect the correct metallicity. Given that [Fe/H] Zijlstra et al. (2006a) , Dudziak et al. (2000) , (2) (2) In the last column of Table 4 , we list the elemental abundance of Hen2-436 by Otsuka et al. (2011) ; the abundances obtained in the present study, with the exception of N, are close to those for Hen2-436. The O and Ar abundances indicate that both PN progenitors would form under a similar evolutionary stage of the Sgr dSph. Dudziak et al. (2000) pointed out that the nearly identical abundance patterns for these two Sgr dSph PNe provide evidence that the progenitors formed in a single starburst event (∼5 Gyrs ago, Zijlstra et al. 2006a ) within a well mixed ISM. The agemetallicity relationship for the Sgr dSph globular cluster candidates by Law & Majewski (2010) indicates that the [Fe/H]∼-0.6 corresponds to ∼8 Gyrs ago. Layden & Sarajedini (2000) reported that the Sgr dSph field is composed of several different populations; the [Fe/H]=-0.7±0.2 population is 5±1 Gyrs old and the [Fe/H]=-0.4±0.3 population is 0.5-3 Gyrs old. Although the exact [Fe/H] abundances in Wray16-423 and Hen2-436 are unknown, the progenitor stars of Wray16-423 and Hen2-436 most likely formed 0.5-6 Gyrs ago.
[WC] type central star
In Figure 6 , we present the profile of the C iv λλ 5801/12 Å band composed of narrow nebular C iv λλ 5801/12 Å lines and a weak broad wing component (perhaps originating from a stellar wind). We fitted the band profile by three Gaussian components: in Figure 6 , the thin black lines are the components of the nebular C iv λλ 5801/12 Å, the red line indicates our interesting broad component, and the thick black line is the sum of these three. The FWHMs of the C iv λλ 5801/5812 Å lines are 0.75±0.04 and 0.83±0.05 Å and that of the broad component (centered at 5805.96 Å in the rest frame) is 32.12±2.15 Å, where its FWHM expansion velocity is 1660±110 km s −1 . The C iv λλ 5801/12 Å band profile in Wray16-423 is similar to the Sgr dSph PN StWr2-21; Kniazev et al. (2008) to be completely embedded in the broad component in Hen2-436, the FWHM of the C iv λλ 5801/12 Å band is 32.8±0.2 Å, measured from the same ESO VLT/FEROS2 spectra used in Otsuka et al. (2011) , and consistent with the findings of Walsh et al. (1997, 31 .1 Å). We did not detect any other broad components, such as O vi λλ 3811/34 Å. A consensus has not been reached regarding the classification of the CSPN of Wray16-423. Walsh et al. (1997) classified it as a [WC8] or a weak emission line star (WELS), on the basis of the strengths of the C iii λ 4650 Å (FWHM=9.9 Å) and C iv λλ5801/12 Å (FWHM=14.7 Å) bands, using low-dispersion spectra (R could be ∼1200 around 5800 Å); the broad component under the nebular C iv λλ 5801/5812 Å lines was not detected. The broad component of the C iii and C iv complex centered around 4650 Å, originating from the stellar winds, is not clearly seen in our HDS and FEROS spectra. There is no broad component in the C ii λ4267 Å, too.
Taking into account that their estimated CSPN temperature (85 000 K) is hot for a [WC8] PNe, Walsh et al. (1997) concluded (2002), which may explain why the CSPN temperatures of the [WC] class PNe have a relatively wide range. Even after the CSPN temperature was corrected up to 107 000 K by photoionisation models based on the lowdispersion spectra of Walsh et al. (1997) , Gesicki & Zijlstra (2003) and Zijlstra et al. (2006a) supported the conclusion by Walsh et al. (1997) .
According to the classification of Acker et al. (2002) , the broad FWHM of the stellar C iv component suggests that the CSPN of Wray16-423 may be a [WC4]-type central star.
PAHs and dust features
Wray16-423 shows PAH bands and dust features, specifically, 6-9 µm and 10-14 µm PAH bands and broad 11 µm, 16-24 µm, and 30 µm features. These PAH bands and these dust features have been found in C-rich MC PNe (Stanghellini et al. 2007; Bernard-Salas et al. 2009; García-Hernández et al. 2012; Matsuura et al. 2014; Sloan et al. 2014) . Bernard-Salas et al. (2009) reported broad 11 µm, 16-24 µm 5 , and 30 µm features in 8 C-rich MC PNe. Because the typical LMC metallicity is close to that of Wray16-423, LMC PNe provide a good comparison in terms of dust production in a metal-deficient environment. Therefore, we looked at the LMC PN sample to compare the mid-IR spectrum of Wray16-423 with those of selected LMC PNe. Accordingly, we found that SMP LMC19, 25, 48, and 78 exhibit broad 11/16-24/30 µm features, comparable to the dust feature strengths measured in Wray16-423. Among them, the mid-IR spectrum of LMC19 is most similar to that of Wray16-423 (Fig. 7) ; the strengths of the broad 16-24 µm and 30 µm features and the global ∼5-37 µm SED are similar as well.
For a more detailed look at these PAH and broad dust features, we subtracted the expected local dust continuum, determined by fifth-order spline-function fitting. The resultant spectra are dis- played in Figure 8 . The flux densities are scaled and shifted to emphasise broad 16-24 µm and 30 µm features.
In the following sections, we describe the 6-9 µm and 10-14 µm PAH bands, the broad 11 µm, 16-24 µm, and 30 µm band features in Wray16-423, and LMC19, 25, 48, and 78. Dust and gas mass estimates for these LMC PNe will be discussed in a future study.
The 6-9 µm PAH band
The classification of the 6-9 µm PAH band is based on the positions of 6.2, 7.7, and 8.6 µm features at the intensity peaks. According to Peeters et al. (2002) and Matsuura et al. (2014) , the 6-9 µm PAH profiles have peak positions near 6.22-6.3 µm, 7.6-8.22 µm, and 8.6 µm. Our classifications are summarised in Table C1 of Appendix C. From the overview of Peeters et al. (2002) , both the 6.2 and 7.7 µm PAHs in Wray16-423 are Class B, with corresponding peaks at 6.24±0.01 µm, and 7.78±0.04 µm, respectively. The 6.2 and 7.7 µm PAHs in our comparison LMC PNe fall into Classes B and A, respectively. The 8.6 µm PAH in Wray16-423 could not be resolved, due to a low signal. The 8.6 µm PAHs in LMC PNe are classified as Class B. 3.6.2 The 10-14 µm PAH band and the broad 11 µm feature Figure 9 shows the 10-14 µm PAH bands complex and the broad 11 µm feature. The flux densities are normalised with respect to the 11.3-µm PAH emission peak. The positions of the PAHs and the atomic gas emission lines are shown as vertical dashed lines with the lowercase letters a-e.
In the study on PAHs in LMC post-AGB stars, Matsuura et al. (2014) classified the 10-14 µm PAH feature into four types: α, β, γ, and δ, depending on the peak wavelengths and the shapes of the sub-features. The Class α (including the broad 11 µm feature) shows a sharp feature at 11.3 µm, a well-isolated feature at 12.7 µm, and a very weak feature at 12 µm. The 11.3 µm PAH emission in Class α is the strongest among the three features. The respective features would be from the solo (11.3 µm PAH), duo (12 µm PAH), and trio (12.7 µm PAH) out-of-plane C-H bending mode of PAH (Sloan et al. 2014) . We classify the 10-14 µm features in Wray16-423, LMC19, and LMC78 as Class α. The flux density for these three PNe reaches its maximum in this range at the peak of the 11.3 µm PAH emission (central wavelengths: 11.28, 11.30, and 11.29 µm, respectively); 12 µm PAHs are also observed in all three. The 12.7 µm PAHs are observed in LMC19 and 78, while the presence of this PAH in Wray16-423 seems to be merged with [Ne ii] λ 12.80 µm.
LMC25 and 48 are characterised as Class δ, by the broad feature extending from 10 to 14 µm with the 11.3 µm PAH on the top (Matsuura et al. 2014) . Class δ spectra are quite different from Class α spectra, in terms of the underlying broad 11 µm feature and its central position. We fitted Gaussians to the PAH and atomic gas emission lines, and subtracted the fits from the spectra. We then fitted the broad 11 µm feature in the residual spectra was fitted using a single Gaussian component to determine their central wavelengths λ c and FWHMs (Table C1 ). The average peak position and FWHM of the broad feature are 11.92±0.05 µm and 1.74±0.11 µm, respectively, for Class α, while those in Class δ are 11.46±0.01 µm and 1.86±0.03 µm, respectively. Matsuura et al. (2014) argued that the broad 11 µm feature characteristic to Class δ should be ascribed to silicon carbide (SiC). They used fits for the 10-14 µm spectra of three post-AGB stars using the NASA/Ames PAH IR-spectral database (Boersma et al. 2014; Bauschlicher et al. 2010) 6 and the ISO/SWS spectrum of the C-rich AGB star W Ori as the SiC template (see also Fig. 9) . Sloan et al. (2014) analyzed the broad 11 µm features and associated PAHs in LMC and SMC post AGB stars. They call the band profiles similar to LMC25 and LMC48 "Big-11". They demonstrated that this Big-11 is composed of SiC and PAH, and they concluded that the Big-11 feature is due primarily to SiC (88 % of the total flux). Otsuka et al. (2015) argued that the broad 11 µm feature in W Ori could be reproduced using the absorption efficiency Q λ of a spherical α-SiC grain. Assuming that SiC grains greatly contribute to the 10-14 µm feature of Class δ, the wider FWHM in Class δ compared with Class α would then be due to the contribution from the 12 and 12.7 µm PAHs. (2012) reported the detection of this feature in MC PNe. Matsuura et al. (2014) detected this feature in the LMC post-AGB star IRAS0588-6944. In our galaxy, a broad 16-24 µm feature has been found in PNe M1-11 ), K3-17, M2-43 (Hony et al. 2002b) , and the proto-PN IRAS01005+7910 (Zhang et al. 2010) .
The 16-24 µm feature is narrower in LMC25, 48, 78 (See Table C1); this could be due to the contribution of the blue wing of the 30 µm feature. The band profiles in LMC25, 48, and 78 are slightly asymmetric; the λ c s of the 16-24 µm feature in these three are blue-shifted, compared with those of Wray16-423 and LMC19. The asymmetric profile could be due to a small plateau superposed on the broad 16-24 µm around 15-18 µm. The 15-18 µm plateau seems to be possibly in LMC19 (λ c ∼17.10 µm), but its presence is unclear in Wray16-423. In Figure C1 of Appendix C, we compare our sample PNe with the Galactic PN K3-60 (AORKEY: 19903744, PI: H. Dinnerstein, indicated by the grey lines). We use the K3-60 spectrum to explain the position and width of the 15-18 µm plateau, as an example. K3-60 shows the 15-18 µm plateau but no broad 16-24 µm feature. The 6-9 and 10-14 µm PAH band profiles in K3-60 are well matched to those in LMC78, 19, and Wray16-423. The complex of the 15-18 µm plateau and the 16.4 µm PAH also contribute to the broad 16-24 µm feature; however, its contribution seems to be negligibly small in our sample PNe. Even if the 15-18 µm plateau plus the 16.4 µm PAH are the major contributors to the 16-24 µm feature, this complex cannot explain the asymmetry and difference in width between the observed 16-24 µm features. The red and blue wings of the 16-24 µm feature have different slopes between LMC25/48/78 and LMC19/Wray16-423, and this cannot be explained by the presence of the plateau only. Note that also the broad 30 µm feature is clearly broader and redder in LMC19 and Wray16-423. The different widths and positions might reflect the colder dust and/or larger dust grains.
The carrier of the broad 16-24 µm feature has yet 6 http://www.astrochem.org/pahdb/ to be identified. Van Kerckhoven et al. (2000) noted that the 6.2/7.7/8.6/11.3 µm PAH emission is from relatively small PAH molecules (∼50 C-atoms). Additionally, they argued that the 16-20 µm plateau -it should be attributed to the 15-18 µm plateau as described above -is due to the destruction of large PAHs and PAH clusters, containing ∼2000 C-atoms. Can the 16-24 µm feature be also attributed to large/cluster PAHs and the 6-9 µm PAH form by the destruction of large PAHs and PAH clusters? If so, then an anti-correlation may exist between the intensities of the 16-24 µm feature and the 6-9 µm PAH. In 7 LMC PNe listed in Table C2 of Appendix C and Wray16-423 showing both features, we measured the integrated fluxes of the 6-9 µm PAH band (F(6-9 µm PAH)), the 16-24 µm feature (F(16-24 µm)) in the local continuum subtracted spectra, and the integrated flux between 5.75-36.8 µm (F(IR)). We define the ratios of the F(6-9 µm PAH)/F(IR) and the F(16-24 µm PAH)/F(IR) as feature strengths, and we present between these strengths in Fig. 11 . The correlation factor is -0.50, depending on the data of Wray16-423 because the factor is down to -0.16 without Wray16-423. Therefore, at this moment we cannot conclude that there is a correlation between the 16-24 µm feature and the 6-9 µm PAH band (or PAHs themselves). Hony et al. (2002b) proposed iron sulfide (FeS) to explain the 16-24 µm feature. We note Zhukovska & Gail (2008) ; ? FeS displays a broad feature centered at 23 µm and two sharp resonances at 34 and 38 µm. In our sample PNe, the λ c s of the 16-24 µm feature are not in accordance with that of the broad component of FeS at the central wavelength (∼23 µm), and none showed the 34 µm resonance. Thus, Fe depletion in Wray16-423 does not reflect the presence of FeS as a carrier of the 16-24 µm feature; however, it may imply those of other Fe-based grains.
Amorphous silicates have broad emission features at two peaks near 9.7 µm (Si-O stretching mode) and ∼18 µm (O-Si-O bending mode). Thus, the fossil silicate dust that forms in early AGB outflow is of interest. Dual-dust PNe have been found in the Galactic bulge (e.g., Górny et al. 2010; Perea-Calderón et al. 2009 ). Górny et al. (2010) reported four PNe showing amorphous silicate, PAHs, and crystalline silicate features at 23.5, 27.5, and 33.8 µm, respectively. Crystalline silicates are not detected in our sample. As Figure 7 of Bernard-Salas et al. (2009) , the central wavelength of the 18 µm bump is not in accordance with that of the 16-24 µm feature. If amorphous silicate is responsible for the 16-24 µm feature, then a broad bump should be observed in the blue shoulder of the broad 11 µm feature. This is not the case. Therefore, the broad 16-24 µm features in our sample cannot be attributed to amorphous silicate.
The broad 30 µm feature
Our PNe display a broad 30 µm feature, which has been seen in many C-rich objects. Hony et al. (2002a) performed a comprehensive analysis of the 30 µm feature showing objects with Table 5. ISO/SWS spectra. Due to the wavelength coverage, our measured FWHMs were narrower than the measurements of Hony et al. (2002a, ∼10 µm) . Hony et al. (2002a) argued that the feature originated from a CDE MgS. The CDE MgS has been the major candidate for the 30 µm feature. However, as we introduced earlier, the origin of this feature is unclear. Messenger et al. (2013) performed a detailed analysis on the 30 µm and the 11 µm SiC features; the authors concluded that the 30 µm feature is likely due to a carbide or sulfide component, and that the abundance of the carrier of the 30 µm feature is linked to SiC abundance. This conclusion seems to agree with Sloan et al. (2014) , who argued that the MgS feature strength climbs just as the SiC strength drops, as the dust shells around the stars become red, based on the assumption that the SiC/amorphous carbon is coated by MgS as the dust grains move away from the central star. Laboratory experiments by Lodders & Fegley (1995) revealed the condensation temperatures of different C/O ratios and pressures; for the case of C/O = 2.0 and a total pressure of 10 −3 bar, the condensation temperatures of graphite, SiC, and MgS grains are 1978 K, 1736 K, and 1152 K, respectively.
We measured the F(11 µm SiC)/F(IR) for LMC PNe LMC8, 25, 48, and 85 (Table C2) showing SiC. Among these PNe, an anticorrelation relationship exists between the SiC and 30 µm intensities (correlation factor=-0.88), supporting the idea of Sloan et al. (2014) . We investigated the effective temperatures of 14 LMC PNe using Cloudy. The average effective temperature of the four SiC-containing PNe (LMC8, 25, 48, and 85) is 50 750 K, while a value of 123 000 K is determined among the non-SiC containing PNe (LMC19, 78, and 99, and Wray16-423). The CSPNe of SiC-containing PNe seem to be cooler and younger than those of the non-SiC-containing PNe. Thus, the MgS grains in non-SiCcontaining PNe may be far from the central stars. In comparison, the average λ c s of the 30 µm feature in SiC-containing four PNe is 30.50 µm and that in the remaining non-SiC-containing four PNe is 31.73 µm.
However, Zhang et al. (2009) cast doubt on this identification for the 30 µm feature. They demonstrated that the MgS mass of (0.96-7.16)×10
−5 M ⊙ , formed from the available S atoms, could not account for the observed strength of the 30 µm feature in the proto-PN HD56126, even if all the dust grains existed as MgS (the required MgS mass is >3.5×10 −4 M ⊙ ). CDE iron-rich sulphide, such as Mg 0.5 Fe 0.5 S (Fe50S), also show a broad feature around 30 µm, similar to the CDE MgS feature (Messenger et al. 2013 ). In PNe, Henry et al. (2012) reported no correlation between the S abundance deficiency and the occurrence of the broad 30 µm feature, implying that iron-rich sulfide rather than MgS may be favored as a carrier of the 30 µm feature. The type of Mg-Fe-S grains that form depends on the amount of Mg, Fe, and S atoms in the solid phase.
Another possible candidate for the 30 µm feature is graphite, as proposed by Jiang et al. (2014) . The opacity of graphite by Draine & Lee (1984) exhibits broad emission (FWHM>60 µm) peaked at ∼30-40 µm. The theoretical opacity of graphite with a d.c. conductivity of 100 Ω −1 cm −1 by Jiang et al. (2014) shows a well-consistent FWHM of ∼10 µm to the observed FWHMs reported by Hony et al. (2002a) . Otsuka et al. (2014) found that the relative strength of the 30 µm feature to the underlying continuum in fullerene C 60 -containing PNe is constant; they also succeeded in fitting both the 30 µm feature and the 13-160 µm continuum using the synthesised absorption efficiency Q abs (λ), derived from the combined data of ISO/SWS/LWS and Spitzer/IRS spectra of C 60 -containing PN IC418. Their derived opacity curve is similar to that of graphite by Draine & Lee (1984) , with the exception of the feature strength and FWHM. Otsuka et al. (2014) concluded that the 30 µm feature and featureless continuum may be related to hydrogenated amorphous carbon (HAC) or graphite. HAC has two resonances centered at ∼20 µm and ∼30 µm as demonstrated in Fig. 9 of . However, since its optical constant is strongly variable for different chemical and physical conditions such as hydrogen-content and grain size, one might be able to reproduce the strong 30 µm feature plus the weaker sub structures.
We utilised the method of Otsuka et al. (2014) to verify our ability to fit the ≥14 µm SED of Wray16-423 with their Q abs (λ) even if it will not be possible to fit the broad 16-24 µm feature in this way. The model of Otsuka et al. (2014) assumes that the dust density, as a function of the distance from the CSPN r, is distributed around the CSPN with a power-law (∝ r −p ) and that the dust temperature distribution T d (r) also follows a power-law (∝ r −q ). The thermal radiation from spherical grains can be estimated by the following:
where C is a constant value, T d (max) and T d (min) are the maximum and minimum temperatures of the 30 µm feature, respectively, α=(3 − p)/q > 0, and B λ (T d ) is the Plank function. We chose both p and q to be 2. The fit is not sensitive to T d (min); thus, we let T d (min)=20 K, a temperature more or less characteristic of dust in the ISM. We fit the Spitzer/IRS spectrum for wavelengths longer than 14 µm by the Equation (7). As a constraint to set the upper limit flux density over 36.5 µm by the model fit, we used an upper limit flux density I ν (65 µm)=88.3 mJy measured from the AKARI/FIS Far-infrared All-Sky Survey Maps. We performed four fits, as summarised in Table 5 . The fitting regions of each differed. The resultant SEDs are plotted on the Spitzer/IRS spectrum in Figure 12 . Fit1 -a test whether the 14-22 µm dust continuum is linked with the 30 µm feature -predicts ∼1.2 times larger flux density at the peak of the 30 µm feature. Fit2 converging at 14-65 µm gives a better result; however, it cannot explain ∼20-24 µm of the broad 16-24 µm fea- (-4) ture or the 30 µm. Fit3, focusing only the 30 µm feature, provides a good fitting for the 30 µm feature, although it under-predicts the flux density below 27 µm. Fit4 skips the broad 16-24 µm feature and gives results similar to those obtained in Fit2.
Our simple analysis demonstrates that the broad 16-24 µm in Wray16-423 is unrelated to the 30 µm feature. If we focus on the 27 µm or longer wavelength data, we can reproduce part of the observed 30 µm feature with the synthesised Q abs (λ) of Otsuka et al. (2014) . More fits to the 30 µm feature showing PNe (but without broad 16-24 µm feature) are necessary to synthesize the absorption efficiency of the 30 µm feature for astronomical objects and to separate the 16-24 µm feature from the complex of 16-24 µm and 30 µm features.
SED modeling
We constructed an SED model to investigate the physical conditions of the gas and dust grains, in order to derive their masses using Cloudy c10.00.
Model approach
We set the distance to Wray16-423 to 24.8 kpc for comparison with the observed fluxes and flux densities. For the incident SED from the CSPN, we adopted the model grids of non-LTE lineblanketed, plane-parallel, hydrostatic model atmospheres of halo stars ([Z/H]=-1) by Rauch (2003) . Because the He ii line-fluxes are sensitive to the surface gravity log g, we tested small gasonly model grids with varying log g that matched the flux of the He ii λ 4686 Å. In the small grids, we set the CSPN's effective temperature to T eff =110 660 K and luminosity L * to 4683 L ⊙ using Equations (3.1) and (3.2) of Dopita & Meatheringham (1991) , which are established amongst Magellanic Cloud PNe, assuming optically thick nebula. Accordingly, we set log g to 6.0 cm s −2 . We kept this surface gravity in the gas+dust full SED model, and adopted the above T eff and L * as a first guess.
For gas-phase elemental abundances, we adopted the observed values listed in Table 4 as the first guess, and refined these to match the observed line intensities of each element. We considered the CEL O line fluxes to set the O abundance. We adopted the same transition probabilities and effective collision strengths of CELs used in our plasma diagnostics and abundance determinations. Because Cloudy does not include any Kr lines, we did not consider this element. The abundances for non-calculated elements, except for Mg and Si, were held constant at [X/H]=-0.65, which is the average between the observed [Cl/H] and [Ar/H] . Because the deficiency of refractory elements Mg and Si is unknown, we adopted [Mg,Si/H]=-2.
We determined the radial H-density profile of the nebula, based on the radial intensity profile of the HST/WFPC2 F656N image using an Abel transformation under the assumption of spherical symmetry. The ionization-bound models over-predicted the [N ii] and [O ii] lines and under-predicted the [O iii] lines, whereas the matter-bound models gave better fit to the observed fluxes of these emission lines. Therefore, we assumed the matter-bound condition. The outer radius R out was set to 1.3 ′′ (0.16 pc) and the inner radius R in was 0.2 ′′ (0.023 pc), from the HST image. We adopted a constant filling factor of 0.85. The adopted radial profile of the hydrogen density is presented in Figure 13 . Our set hydrogen density profile appeared to be similar to the photoionisation models without dust grains by Dudziak et al. (2000) , who adopted the constant hydrogen densities of 9500 cm −3 for 0.023-0.051 pc (covering factor =0.17) and 3600 cm −3 for 0.023-0.08 pc (0.83).
We attempted to fit the observed SED in the range from 0.1516 µm (GALEX-Fuv) to 65 µm (AKARI/FIS), assuming that the infrared excess around 5-40 µm was due to the emission from PAH molecules and carbon-based grains. There are no suitable optical constants for the broad 16-24 µm and 30-µm features; thus, we skipped these bands. The 16-24 µm and 27.4-36.5 µm SEDs were out of the fitting range in the model. Here, we adopted graphite and PAH. We assumed a spherical shape for both the graphite and PAH. In graphite, the spheres were assumed to be randomly oriented, and the "1/3-2/3" approximation was utilised (for validity of this approximation see, Draine & Malhotra 1993) . The optical constants were taken from Draine & Li (2007) (PAH-Carbonaceous grains) for PAH and Draine & Lee (1984) for graphite. For PAH, we adopted the radius a in the range from 0.0004 (30 C-atoms) to 0.0011 µm (500 C-atoms) with the standard interstellar dustgrain size distribution by Mathis et al. (1977) (i.e., a −3.5 ). For the graphite, we adopted the same size distribution with a=0.005-0.25 µm.
To verify the model fitting accuracy, we evaluated the chi-square value (χ 2 ) from the 44 gas emission fluxes, 9 gas-phase abundances, 7 broad band fluxes, and the 9 de-reddened flux densities I ν from GALEX, HST/WFPC2, 2MASS, and WISE bands. We used the AKARI/FIS I ν (65 µm) to set the dust continuum above 36.5 µm.
Comments on SED model results
The properties of the CSPN, nebula, and dust/molecules matching the observed quantities are listed in Table 6 . The predicted fluxes relative to the Hβ, the flux densities at the interest bands, and elemental abundances compared with observations are listed in Table 7. The reduced chi-square value indicates that our SED model can reproduce the observed quantities.
We may have overestimated the [Ne ii] λ 12.80 µm in the lowdispersion Spitzer/IRS spectrum, because this line would be contaminated by the 12.7 µm PAH (see Fig. 9 ). Although we could not reproduce these line fluxes within estimated errors, our model is globally successful in explaining the observations. Although without the UV spectra we cannot say for certain, the large difference in GALEX-Fuv and Nuv might be due to the adopted extinction value and reddening correction function for GALEX wavelength.
The model predicted M V of the CSPN (2.685) is consistent with the observed absolute magnitude of 2.770±0.2 in the case of 24.8 kpc within error. The uncertainty of T eff is 2 000 K. Taking into account the distance uncertainty of 0.8 kpc (Kunder & Chaboyer 2009 ), our derived L * of 4753±1230 L ⊙ is fairly consistent with Dudziak et al. (2000) , who reported 4350±150 L ⊙ and T eff =107 000±10 000 K. The uncertainties of the predicted elemental abundances are within 0.1 dex.
Taking the absolute Spitzer/IRS flux calibration uncertainty ∼17 % (Decin et al. 2004) , the dust mass m d would be (1.32±0.23)×10
−4 M ⊙ . The uncertainty of the dust mass fraction would be within ±1,%. The estimated dust mass here would be the lower limit value, because we skipped the broad 16-24 µm and 30 µm bands. If one of the carriers for the 30 µm broad band is the Fe-rich sulfide, then the dust mass and the dust-to-gas mass ratio could increase. Indeed, the large Fe depletion with respect to Ar is confirmed; thus, the missing Fe atoms would exist as Fe dust grains. In the next section, we discuss how much dust mass can be added if the broad 30 µm feature is from Fe-rich sulfide or MgS. The gas mass m g (the sum of the ionised and atomic gas mass within the volume occupied within R out ) is 0.59±0.10 M ⊙ . We also ran the model for the case of R out =1.0 ′′ (0.12 pc), and we obtained the m d =(1.05±0.18)×10 −4 M ⊙ and m g =0.45±0.08 M ⊙ . The estimated m g for our R out =1.0 ′′ and 1.5 ′′ models is consistent with the result of 0.4 M ⊙ by Zijlstra et al. (2006a) . The ionised gas mass exceeds the prior estimate of 0.248 M ⊙ by Dudziak et al. (2000) , which we attribute to the difference in Hβ flux and outer radius (log I(Hβ)=-11.89 erg s −1 cm −2 and R out =0.08 pc at 25 kpc). If we adopted their I(Hβ), then m g is ∼0.29 M ⊙ in the case of R out =0.12 pc.
The dust mass in Wray16-423 is similar to that in Hen2-436 ((2.9-4.0)×10 −4 M ⊙ , Otsuka et al. 2011) , whereas the gas mass is 8-12 times larger. Otsuka et al. (2011) and Dudziak et al. (2000) estimated 0.05-0.07 M ⊙ (ionised + neutral gas) and 0.04 M ⊙ (ionised gas) for Hen2-436, respectively. Dudziak et al. (2000) argued that the outer boundary in Hen2-436 is determined by radiation (ionisation bound). Indeed, Hen2-436 is very compact; its outer radius is ∼0.03 pc. The small O 2+ /(O + +O 2+ ) ratio in Hen2-436 (0.85, Otsuka et al. 2011) seems to support this (c.f., 0.96 in Wray16-423).
In Figure 14a , we present the observed SED plots (blue diamonds and grey lines) and the modelled SED (red line). The dashed line is the modelled incident SED of the CSPN, where the flux density in the F574M band is consistent with the observed value. In Figure 14b , we display a close-up of the SED in the wavelength range covered by the Spitzer/IRS spectrum. The large mass fraction of the graphite grains is due to the rising mid-IR flux density toward ∼25 µm. Because we did not consider the possibility of very large PAH molecules discussed in Section 3.6.3, the 15-20 µm PAH plateau is not reproduced by the model. The complex of the 10-14 µm PAHs and broad 11 µm feature in Wray16-423 could be reproduced with PAHs although the fitting is not perfect. The observed band profile of the 10-14 µm PAHs and broad 11 µm feature is nearly flat top around 12 µm whereas the predicted band profile is very similar to the observed one except for the small lack of emission indicated by the arrow. The lack of emission could be filled if we add amorphous carbon grains in the model, because the Q abs (λ) of amorphous carbon calculated from the optical data of Rouleau & Martin (1991) appears in a small bump around 12 µm.
DISCUSSION
Progenitor mass estimate by comparison to AGB nucleosynthesis models
Because the HDS spectrum shows a signature of [WC] CSPN in the C iv λλ 5801/12 Å band, the CSPN could be He-rich. Assuming that the CSPN is in the midst of He-burning, comparing the estimated L * and T eff on He-burning post-AGB evolution tracks with the initial Z=0.008 of Vassiliadis & Wood (1994) indicates a progenitor mass of 1.5-2.0 M ⊙ . The presence of the C iv λλ 5801/12 Å band could be evidence that Wray16-423 experienced a very late thermal pulse (VLTP). Vassiliadis & Wood (1994) demonstrated the He-burning post-AGB track for initially 1.5 M ⊙ stars, with Z=0.008; these stars experienced a VLTP at log 10 T eff ∼4.9 (∼79 430 K). The subsequent evolution was dominated by He-shell burning. The difference from normal He-burning evolution tracks is that there is no upturn luminosity, and the evolution after VLTP is very similar to the Hburning tracks. If Wray16-423 experienced a VLTP, then the progenitor mass is estimated to be >1.5 M ⊙ .
Next, we verify whether AGB nucleosynthesis models can explain observed elemental abundances in an initial ∼1.5-2.0 M ⊙ star. In Table 8 , we compare the AGB model results of Karakas (2010) with our observation results. The 13 C pocket mass is not included. Besides He/C/N/O/Ne/S/Fe abundances, we list the ejected mass at the last thermal pulse and the core-mass of the CSPN in the last two lines of Table 8 . Here, we assume that the estimated gas mass through our SED model is nearly equal to the ejected mass at the last thermal pulse. The gas mass estimated in our SED models depends on the outer nebula radius and the de-reddened Hβ flux. So far, the gas mass estimates in Wray16-423 range from 0.248 M ⊙ (Dudziak et al. 2000) to 0.49±0.10 M ⊙ (see section 3.7.2). Among these model predictions, the 1.9 M ⊙ model provides an excellent fit to the observed elemental abundances and the ejected mass. The consistency between the observed and the predicted Ne abundances indicates that the 13 C pocket may not form in Wray16-423. Even if we adopt the expected CEL C abundance of 8.70±0.14, as described in section 3.4, our conclusion does not change considerably. 
Expected solid-phase Mg, S, and Fe
The difference between the observed S and Fe abundances and the AGB model predicted abundances could constrain how much mass of each element could be locked by the dust grains, based on the assumption that elemental abundances in the nebula are consistent with the predicted values in the case of the 1.9 M ⊙ /Z=0.004 AGB model. The density fraction of an element X in the solid phase, n solid (X)/n(X), can be roughly estimated using the following:
where log 10 (n(X)/n(H)) obs and log 10 (n(X)/n(H)) model are the observed and the AGB star model predicted elemental abundances of the element X. Using the Equation (8), ∼92-95 % of the Fe atoms and ∼46-53 % of the S atoms in the nebula could be in the solid phase. 48.14(0.63) Note -The values for the IRS-1, 2, 3, 4, 5, 6, and 7 bands correspond to integrated fluxes between the following wavelength ranges, 5.9-6.9 µm, 6.4-7.4 µm, 7.4-8.4 µm, 10.8-11.8 µm, 11.8-12.8 µm, 12.5-14.5 µm, and 14-15 µm, respectively. Karakas (2010) . The C abundance in Wray16-423 is the RL C value. See text regarding the estimate of the Mg abundance in Section 4.2. The core-mass of Wray16-423 was estimated from Vassiliadis & Wood (1994 The ionised Mg abundances in PNe have been calculated using the forbidden lines at UV wavelengths and recombination Mg ii λ 4481 Å. We were unable to detect optical Mg ii lines. Instead, we attempt to estimate the gas-phase Mg abundance using Mg 0 and N 0 abundances based on the assumption that all N atoms exist as a gas. This assumption is possible, because the observed N abundance (7.69±0.04) is consistent with AGB model predictions (7.71). Under the assumption that Mg-containing grains did not form, the Mg/N ratio would be 0.151 from the 1.9 M ⊙ AGB model; thus, nearly identical to Mg 0 /N 0 . In this case (i.e., Mg-atoms are not depleted by dust grains), the Mg 0 /H + should be 0.151×N 0 /H + = 8.98 (-8)±4.92(-9) . Because the actual Mg 0 /H + is 1.81(-8)±5.27(-9), about 14-26 % of the Mg-atoms likely exist as a gas and the remaining 74-86 % are in the solid phase. Using the modeled Mg/H of 6.89 dex (7.76(-6) in linear scale), the gas-phase Mg/H would be 6.19±0.30 dex (1.53(-6)±4.63(-7) in linear scale). Both the gas and solid phase Mg estimates are optimistic and depend on the 
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133.8±0.9 117.9±1.2 5.5(-7)±1.0(-7) 1.8(-6)±3.2(-7) Case 2
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6.0(-6)±1.1(-6) 1.9(-5) ±3.6(-6) AGB model prediction. UV Mg forbidden lines in HST/STIS spectra would provide a more exact value. Using the estimated fractions of the solid phase Mg, S, and Fe atoms, we estimate the solid-phase masses m solid (X) using the following equation:
where µ(X) is the atomic mass, and n(He)/n(H) obs is the He number density (1.06(-1), See Table 4 ).
In summary, ∼92-95% of the Fe atoms, ∼74-86% of the Mg and ∼46-53% of the S atoms in the nebula could be in the solid phase, corresponding to masses of respectively 1.3±0.2, 0.7±0.2 and 0.33±0.01 ×10 −4 M ⊙ .
Can MgS or Fe50S grains explain the 30 µm feature?
In largely Fe-depleted C-rich PNe, such as Wray16-423, estimated carbon dust masses may make up a portion of the dust grains in the nebula, not including the broad 16-24 µm and 30 µm features. As discussed in Section 3.6.4, Mg-Fe-S grains may form in the dusty nebula of Wray16-423, and could be a carrier for the broad 30 µm feature. Mg-Fe-S grain masses are controlled by the solid-phase S-atom mass. Adopting the solid-phase Mg, S, and Fe masses as we estimated above, the possible maximum Fe50S (Mg 0.5 Fe 0.5 S) and MgS masses could form 7.65(-5) M ⊙ and 5.95(-5) M ⊙ , respectively. As such, can MgS or Fe50S grains explain the 30 µm feature? To answer this question, we estimate their masses using the Plank function with a single dust temperature method described in Hony et al. (2003) , who explained that the dust mass m d in the optically thin nebula can be estimated using the following equation:
where F λ 0 ,λ 1 is the integrated flux in the wavelength range from λ 0 to λ 1 . Here, we adopt the central wavelength and FWHM listed in Table C1 of Appendix C. λ 0 and λ 1 are 28 µm and 36 µm, respectively, D is the distance (24.8 kpc), and ρ is the grain density, 3 g cm −3 for MgS and 5 g cm −3 for Fe50S. When the grain radius is small in comparison with the wavelength λ, the absorption profile becomes independent of a (Pegourie 1988) . We calculated the Q abs (λ)/a values of the CDE MgS and Fe50S by following Equation (4) of Fabian et al. (2001) . The optical data of MgS (Mg 0.9 Fe 0.1 S, actually) and Fe50S (Mg 0.5 Fe 0.5 S) were taken from Begemann et al. (1994) .
In the models, we use an average dust temperature for both MgS and Fe50S derived by Plank function fitting with a single temperature. For F λ 0 ,λ 1 , we consider two cases: (Case 1) the underlying continuum of the 30 µm feature is largely from graphite, as demonstrated in the Cloudy model, and (Case 2) instead of graphite, the contribution comes from amorphous carbon, whose absorption efficiency drops sharply for longer wavelengths, compared with graphite; thus, MgS or Fe50S may be the main contributors to this band radiation. For Case 1, we calculated F λ 0 ,λ 1 of 4.88(-13) erg s −1 cm −2 using the residual spectrum generated by subtracting the Cloudy synthesised spectrum from the observed Spitzer/IRS spectrum. For Case 2, we calculated F λ 0 ,λ 1 of 5.33(-12) erg s −1 cm −2 from the observed Spitzer/IRS spectrum (the Cloudy spectrum was not subtracted).
The required masses to produce the band flux of the 30 µm feature are listed in the last column of Table 9 . If the graphite grains exist in the nebula (Case 1), then the required MgS or Fe50S mass is less than the possible maximum MgS and Fe50S masses. Even if not graphite but amorphous carbon are the main dust grains in the nebula, MgS and Fe50S grains can reproduce the intensity peak of the observed broad 30 µm feature (Case 2).
At present, we hold onto the possibility that MgS and Fe50S are carriers of the 30 µm feature in the case of Wray16-423. By adding the 1.8(-6)±3.2(-7) M ⊙ of Fe50S, we could estimate the maximum dust mass to be 1.6(-2) M ⊙ . However, we understand that these estimates are optimistic, given that we did not consider S-atom-based molecules, such as CS. If any sulfide molecules form in the nebula, then it would be more difficult to explain the 30 µm feature with Fe50S and MgS. If it is possible to estimate the mass of the S-atom existing as the molecule with sub-mm spectra and the optical characteristics data of MgS, Fe50S and the new graphite data by Jiang et al. (2014) are available over a wider wavelength range, then it may be possible to resolve which grains carry the 30 µm feature.
SUMMARY
We performed a detailed chemical abundance and dust analysis of Sgr dSph PN Wray16-423. Numerous gas emission lines were detected, from which the abundances of 11 elements were calculated. The [Kr/H] and [Fe/H] abundances were comparable to Sgr dSph PN Hen2-436, which has a similar metallicity. The [Kr/O] abundance was consistent with the value expected by the [Kr/O]-C/O relation found amongst Galactic PNe. The extremely small [Fe/H] does not reflect the metallicity, but it implies that most of the Fe atoms would be in the solid phase, given the [Ar/H] abundance. The Spitzer/IRS spectrum displays broad 16-24 µm and 30 µm features, as well as PAH bands at 6-9 µm (Class B) and 10-14 µm (Class α). An unidentified broad feature in ∼16-24 µm is probably unrelated to FeS, amorphous silicate, and PAH. The progenitor was estimated to be a ∼1.5-2.0 M ⊙ star. The observed elemental abundances and the derived gas mass were in good agreement with the AGB nucleosynthesis model for an initial mass of 1.90 M ⊙ and a Z=0.004 star. We found that about 80 %, 50 %, and 90 % of the Mg, S, and Fe atoms were likely in the solid phase, respectively. Using the derived solid-phase Mg, S, and Fe masses, we estimated the possible maximum MgS and Fe50S grain masses. We tested whether MgS and Fe50S grains can produce the intensity peak of the observed broad 30 µm band with these masses. Depending on the total sulfide molecule masses, at present, MgS and Fe50S could be carriers of the 30 µm feature in Wray16-423. Table A1 . Detected lines and identifications in the HDS/FEROS spectra. BC in component 2 of C iv λ5801/11 Å means the broad component shown in Fig. 6 . Figure C1 . (left panels) The 5.5-14 µm continuum subtracted spectra, showing the 6-9 µm and 10-14 µm PAH bands and the broad 11 µm feature. Spitzer/IRS continuum subtracted spectrum of the Galactic PN K3-60, indicated by the grey line in each panel, is presented as a template for the 16.4 µm PAH and 15-18 µm plateau. We convolved the SH and LH spectra with a Gaussian kernel for the SH and LH module spectra of K3-60 to smooth its spectral resolving power down to those of the SL and LL spectra, respectively. After that, we subtracted the local continuum and gas-emission lines from this spectrum, and then normalised to the intensity peak of the 7.7 µm PAH band. (right panels) The 14-27 µm continuum subtracted spectra, showing the broad 16-24 µm feature. The spectrum of K3-60, indicated by the grey line, is superimposed on each spectrum of the sample PNe. The dashed lines show the wavelength range of the 15-18 µm plateau + 16.4 µm PAH. Table C2 . The ratios of the 6-9 µm PAH band, the broad 16-24 µm feature, the broad 30 µm feature, and the 11 µm SiC fluxes in the local continuum subtracted spectra to the integrated flux (F(IR)) between 5.75-36.8 µm. 
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